Nucleosynthesis and the Early

Universe

The cosmic microwave background tells us a great deal about the state of the
universe at the time of last scattermg (#s ~ 0.37 Myr). However, the opacity of
the early universe prevents us from directly seeing what the universe was like at
t < fs. Looking at the last scattering surface is like looking at the surface of a
cloud, or the surface of the Sun; our curiosity is piqued, and we wish to find out
what conditions are like in the opaque regions so tantalizingly hidden from our
direct view.

‘9& oK Theoretically, many properties of the early universe should be quite simple.
For

instance, when radiation is strongly dominant qver Jnatter, at scale factors
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22 thie universe has the simple power-law form a(f) o« /2. The temperature of the
- blackbody photons in the early universe, which decreases as T & a”" as the

umveree expandq is given by the convenient relation
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The Large Hadron Collider (L g/C),_on the border between France and Switzer-
land, accelerates protons to an energy E = 7 x 106 MeV = T7TeV, about
7500 times the rest energy of a proton. "The LHC is a remarkable pi piece of
engineering; with a main ring 27 kilometers in diameter, it is sometimes called
the largest single machine in the world. However, when the universe had an
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age of t ~ 2 x 10713 s, the average, run-of-the-mill particle energy was equal
to that attained by the LHC. Thus, the early universe is referred to as “the poor
man’s particle accelerator,” since it provided particles of very high energy without
running up an enormous electricity bill or requiring billions of euros in funding.

9.1 Nuclear Physics and Cosmology

As the universe has expanded and cooled, the mean energy per photon has
dropped from Epean(tp) ~ Ep ~ 10%eV at the Planck time to Emnean(fo) ~
1073 eV at the present day. Thus, by studying the universe as it expands, we
sample 31 orders of magnitude in particle energy. Within this wide energy range,
some energies are of more interest than others to physicists. For instance, to
physicists studying recombination and photoionization, the most interesting
energy scale is the ionization energy of an atom. The ionization energy of
hydrogen is Q 13.6eV, as we have already noted. The ionization energies
of other elements (théﬁ?m the energy required to remove the most loosely bound
electron in the neutral atom) are roughly comparable; they range from 24.6 eV for
helium to 4 eV for heavy alkali metals like cesium. Thus, atomic phys101sts when
considering the ionization of atoms, typically deal with energies of ~ 10eV, 1n
round numbers.
Nuclear physicists are concerned not with ionization and recombination
(removing or adding electrons to an atom), but with the much higher energy NP +
processes of fission and fusion (splitting or merging atomic nuclei). An atomic \ 2
nucleus contains_Z protons and N neutrons, where__Z > 1and N = O.‘ Protons and A 2 N
neutrons are collectively called nucleons. The total number of nucleons within an +
atomic nucleus is called the mass number, and is given by the formula A = Z+N.
The proton number Z of a nucleus determines the atomic element to which that Z2+N= A
nucleus belongs. For instance, hydrogen (H) nuclei all have Z = 1, helium (He) H [+0= |&

nuclel have Z = 2, lithium (Li) nuclei have Z = 3, beryll:ﬁ?ﬁ (Be) nuclei haveD Ve ?
= 4, and so on, through the complete periodic table. Although all atoms of a -

given element have the same number of protons in their nuclei, different isotopesﬁv\»\c LA B

of an element can have different numbers of neutrons. A particular isotope of Vi- 2274

an element is designated by prefixing the mass number A to the symbol for that lo. 2=

element. For instance, a standard hydrogen nucleus, with one proton and no A

neutrons, is symbolized as 'H. (Since an ordinary hydrogen nucleus is nothing

more than a proton, we rrTaT)/—elTso write p in place of 'H when considering nuclear

reactions.) Heavy hydrogen, or deuterium, contains one proton and one neutron,

and is symbolized as “T 2H (Smce the deuterium nucleus is mentioned frequently

in the context of nuclear fusion, it has its own name, the “deuteron,” and its own

special symbol, D.) Ordinary helium contains two protons and two neutrons, and

is symbolized as “He.
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The binding energy B of a nucleus is the energy required to pull it apart into

a nucleus is fused together from 1nd1v1dua1 protons and neutrons. For i 1nstance,
when a neutron and a proton are bound together to form a deuteron, an energy of

Bp = 2.22MeV is released:

p—l—n\——\D—|—222MeV 9.4)

The deuteron is not Very tightly bound, compared to other atomic nuclei.
Figure 9.1 plots the binding energy per nucleon (B/A) for atomic nuclei with
different mass numbers. Note that *He, with a total binding energy of B =
28.30MeV, and a binding energy per nucleon of B/A = 7.07 MeV, is relatively
tightly bound, compared to other light nuclei (that is, nuclei with A < 10).
The most tightly bound nuclei are those of 6Fe, 58Fe, and 62Ni, which all have
B/A ~ 879 MeV. Thus, nuclei more massive than iron or nickel can release
energy by fission — splitting into lighter nuclei. Nuclei less massive than iron or
nickel can release energy by fusion — merging into heavier nuclei.

Just as studies of ionization and recombination deal with an energy scale

of ~ 10eV (a typical ionization energy), so studies of nuclear fusion and fission

deal with an energy scale of ~ 8 MeV (a typical binding energy per nucleon).
Moreover, just as electrons and protons combined to form neutral hydrogen atoms
when the temperature dropped sufficiently far below the ionization energy of

)H N3>(|0 Khydrogen (Q = 13.6€V), so protons and neutrons must have fused to form

deuterons when the temperature dropped sufﬁ crently far below t_he bmdm g energy
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Figure 9.1 Binding energy per nucleon (B/A) as a function of the number of nucleons
(A). Stable isotopes are shown as solid dots; the open dots represent the isotopes *H and



of deuterium (Bp = 2.22 MeV). The epoch of recombination was thus preceded /
by an epoch of ni nucledr fusion, commonly called the epoch of Big Bang nucleo-
synthesm (BBN) Nucleosynthesis in the early universe starts by the fusion of
neutrons and protons to form deuterons, then proceeds to form heavier nuclei by

successive acts of fusion. Since the binding energy of deuterium is larger than
the ionization energy of hydrogen by a factor Bp/Q = 1.6 x 10°, we would
expect, as a rough estimate, the synthesis of deuterium to occur at a temperatme /-t rec.-
1.6 x 10° times higher than the recombination temperature 7y = 3760 K. That
is, deutenum synthesis occurred at a temperature T, &~ 1.6 x 107 (3760 K) (O /i[
6 x 108K, corresponding to a time e A 300s. This “estimate, as we’ll see & FRST © o
when we do the detailed calculations, gives a temperatme slightly too low, but c
it certainly gives the right order of magnitude. As indicated in the title of Steven
Weinberg’s classic book, The First Three Minutes, the entire saga of Big Bang
nucleosynthesis takes place when the universe is only a few minutes old.
One thing we can say about Big Bang nucleosynthesis, after taking a look at
the present-day universe, is that it was shockingly inefficient. From an energy
viewpoint, the preferred universe would be one in which the baryonic matter
consisted of an iron-nickel alloy. Obviously, we do not live in such a universe.
Currently, three fourths of the baryomc component (by mass) is still in the form of
unbound protons, or 'H. Moreover, when we look for nuclei heavier than 'H, we
find that they are prlmarlly *He, a relatively lightweight nucleus; iron and nickel
provide only 0.15% of the baryonlc mass of our galaxy. The primordial helium
fraction of the universe (that is, the helium fraction before nucleosynthesis begins
in stars) is usually expressed as\the dimensionless number

p(“He) . 0724 /; (andte %2)\6/'

~ 1256

LY, =
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That is, Y), is the mass density of “He divided by the mass density of all the bary-
onic matter. The outer regions of the Sun have a helium mass fraction ¥ = 0. fits
However, the Sun is made of recycled interstellar gas, which was contaminated
by helium formed in earlier generations of stars. When we look at astronomical
objects of different sorts, we find a minimum value of ¥ = 0.24. That is, baryonic
objects such as stars and gas clouds are all at least 24 percent helium by mass.!

9.2 Neutrons and Protons

The basic building blocks for nucleosynthesis are neutrons and protons. The rest

energy of a neutron is greater than that of a proton by an amount

Qu = myc® —myc* = 129MeVar 26 me&  (9.6)
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' Condensed objects that have undergone chemical or physical fracnonatlon can be much lower in helium than
this value. For instance, your helium fraction is < 24%.
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A free neutron is unstable. It decays through the emission of an electron and an
electron antineutrino,

[ NevTRN DeEchy
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with a decay time 7, = §80ls That is, if you start with a population of free
neutrons, after a time 7, a fraction f = exp(—t/t,) will remain.? Since the energy WCZ
On released by the decay of a neutron into a proton is greater than the rest energy §l | We) /
“of an electron (mec = 0.51 MeV), the remainder of the energy is carried away by
the kinetic energy of the electron and the energy of the electron antineutrino. With
a decay time of only fifteen minutes, the existence of a free neutron is as fleeting
as fame; once the universe was several hours old, it contained essentially no free
neutrons. However, a neutron bound into a stable atomic nucleus is preserved
against decay. Neutrons are still around today because they’ve been tied up in
“deuterium, helium, and other atoms. ‘
- Let’s consider the state of the universe when its age was ¢t = 0.1s. At that
time, the temperature was T ~ 3 x 101°K, and the mean energy per photon was
2. ’T’ Enean &~ 10MeV. This energy is much greater than the rest energy of an electron
or positron, so there were positrons as well as electrons present at r = 0.1,
created by pair production:

PAIE YeorvcTion Yy se +el | 9.8)
Att = 0.1 s, neutrinos were still coupled to the baryomc matter, and neutrons and
protons could convert freely back and forth through the interactions

nw=

nAv.=p+e 9.9)
and
n + _
n+e"=p+v,. (9.10)

At this early time, all particles, including protons and neutrons, were in kinetic
equilibrium, at a temperature k7' ~ 3 MeV « myc?. Thus, the number density of
neutrons and protons can be found from Equa'tion 8.26, which gives the correct
number density for nonrelatwntlc particles in kinetic equilibrium. For neutrons,

Nrt&wf( Lolioveanna Ao ;
mkT /2 m,C =0
026) o veutians— 7e=s: =5 (357) e (). T o

and for protons,’

2 The half-life, the time it takes for half the neutrons to decay, is related to the decay time by the relation
t1/2 = 1,102 = 610s.
3 1 have left out the chemical potential terms, py and pp, in Equations 9.11 and 9.12. At the high energies
present in the early universe, as it turns out, chemical potentials are small enough to be safely neglected.
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Since the statistical weights of protons and neutrons are equal, with g, =
&n = = 2, the neutron-to-proton ratio, from Equations 9.11 and 9.12, is

Ty, My, 32 (m,, — mp)c
LA exp | -——2— ). (9.13)
n, m, kT

The above equation can be simplified. First, (m, /mp)3/ 2 = 1.002; there will be ,7
no great loss in accuracy if we set this factor equal to one. Second, the difference-— - |
in rest energy of the neutron and proton is (m,, — n:’p)c = 0, = 1.29 MeV. Thus,

e

the equilibrium neutron-to-proton ratio has the particularly simple fm\m‘_’ _1 /29 Me _Jl
- yrRoN/ PROTON R AT n (~(tn-Wip )™ | = eaep — T/
MEUTE ) I exp (=22 ) oxp| =+ (9.14) “
g {137 Ry np W y

111ustrated as the solid line in Figure 9.2. At temperatures kT >> On = 1.29MeV,
corresponding to 7 >> 1.5 x 1_(5IO K and t < 1, the number of neutrons is nearly
equal to the number of protons However, as the temperature starts to drop below
1.5 x 10" K, protons begin to be strongly favored, and the neutron-to-proton ratio
ﬂummets exponentially.

If the neutrons and protons remained in equilibrium, then by the time the
universe was s six minutes old, there would be only one neutron for every million
protons. However neutrons and protons do not remdin in equlhbnum for nearly
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Figure 9.2 Neutron-to-proton ratio in the early universe. The solid line assumes equi-
librium; the dotted line gives the value after freezeout. Temperature decreases, and thus
time increases, from left to right.
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that long. The interactions that mediate between neutrons and protons in the early
universe, shown in Equations 9.9 and 9.10, involve the interaction of a baryon
with a neutrino (or antineutrino). Neutrinos interact with baryons via the weak
nuclear force. At the temperatures we are considering, the cross-sections for weak
interactions are small. At temperatures kT ~ 1MeV, the cross- section-for the

c :; - finteraction of a neutrino with a proton or neutronis T g v~_,"" 4 ( ;,/r_ (74
Ow 10 7 2 / =43 -
Bem om0t ow ~ 1077 m? ( 1 ﬁ;\,) o 10wt tee (9.15)
|l I

v |07 ! 1‘!1_ v/ (Compare this to the Thomson cross-section for the interaction of electrons via

ety ;. the electromagnetic force: o, = 6.65 x 1072 m?.) In the radiation-dominated

T - €™ universe, the temperature fahll_s"at the rate T o< a(?) ! ocs~'/2, and thus the cross-

=5 o sections for weak interactions diminish at the rate o, o< ¢~ 1. The number density

Ew “;'f.-'.{ © of neutrinos falls at the rate*nv oc. a()™ e< t_3/_2_', and hence the rate T' with which
6 =7 [,/ meutrons and protons interact with neutrinos via the weak force falls as ) ateep .
: \ 7 power of time: | et Contoa s r
& enliwden. A (8.

L =nyeo, oc 17222 Hik) < . 16)

b

Meanwhile, the Hubble parame(ter is decreasing only at the rate H o 1. When

I' ~ H, the neutrinos decouple from the neutrons and protons, and the ratio

of neutrons to protons is “frozen” (at least until the neutrons start to decay, at

times 1~ 7,). An exact calculation of the temperature Tgece at Which I' = H

requlres a knowledge of the exact cross-section of the proton and neutron for

. weak interactions. Using the best available laboratory information, the “freezeout

L{—d\ o E"\ { temperature” turns out to be kaleeze = Q! 8MeV OF Theeze = 9 x 10° K. The
., . universe reaches this temperature when its age is Liveeze ™ 1's. The neutron-to-

proton ratio, on:;:e E(he temperature drops below Tfreeze, is frozen at the value
4

Vet e b MY oxp (_ o ) ~ exp (_ 1.29 MeV) cozel o T
74 ‘-,L f np kT treeze 0.8 MeV G R ) 7
At times ffee,e < ¢ <K T, there was one neutron for every five protons in the
universe. -
The scarcity of neutrons relative to protons explains why Big Bang nucleo-

synthesis was so incomplete, leaving three-fourths of the baryons in the form of
unfused protons. A neutron will fuse with a proton much more readily than a
proton will fuse with another proton. When a proton and neutron fuse to form a
deuteron, the reaction is straightforward:

- CFlior ReRCTio0 p + n <= D+ y. b=> FAST (9.18)

oM{? 70 WA Y O-IDye +a L= Slow

There is no Coulomb barrier b tween the proton and neutron, and the réaction
is mediated by the strong nuclear force. Thus, it has a large cross-section and a
fast reaetlon rate By contrast, the fusion of two protons to form a deuteron is

e 1 e
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an inefficient two-step process. First, the protons must overcome the Coulomb :
barrier between them to form a dzproton otherwise known as hellum- ’ He £ 4&

B

W A (AT iong p+p = He. & = L”?uj / (9.19) [\(\ &
PO £ P
A diproton is wildly unstable, and splits back to a pair of free protons with a A

lifetime Teptit ~ 107 23 5. There i is, however, another possible decay mode for the k= 4

. s 9
diproton. Tt can decay to a deuteron through the reaction e . 0,;" p

He — D +¢* + v, (9.20) Rprotow

4

which is the required second step of proton—proton fusion. The presence of a neu-
trino in Equation 9.20 tells us that, like the decay of a free neutron (Equation 9.7),

“it involves the weak nuclear force. The lifetime for decay through the reaction in
Equation 9.20 has not been directly measured. However, decays that happen via
the weak nuclear force all have relatlvely long lifetimes, with Tye > 1072
Given the huge dlsparlty between the lifetimes of the two possible decay modes -
for the diproton, the probability that a diproton will decay to a deuteron rather
than back to a pair of free protons is tiny: P~ Tgpiit/ Tweak < 1072~ |5 2 5_/ )

It’s possible, given enough time, to coax protons into fusing with each other.
It’s happening in the Sun, for instance, even as you read this sentence. However,
fusion in the Sun is a very slow process. If you pick out any particular proton in
the Sun’s core, it has only one chance in ten billion of being fused into a deuteron
during the next year, despite forming short- lived diprotons millions of times per
second. The core of the Sun, though, is a stable environment; it’s in hydrostatic b
ethbrlum and its temperature and density change only slowly with time. In o 142 )?a{\
the early universe, by strong contrast, the temperature drops as T o ¢~!/2 and Nt Q +2)l &
the density of baryons drops as Npary X 1~ 3/2 Big Bang nucleosynthesis is a race
agamst time. After less than an hour the temperature and density have dropped
too low for fusion to occur.
Given the alacrity of neutron—proton fusion when compared to the leisurely
rate of proton—proton fusion, we can state, as a lowest order approximation, that
BBN proceeds until every free neutron is bonded into an atomic nucleus with
the Iettover protons remaining solitary.* In this approximation, we can compute
the maximum possible value of ¥ 7, the fraction of the baryon mass in the form of
“He. To compute the maximum p0351ble value of Y, suppose that every neutron
present after the proton-neutron freezeout is 1ncorporated into a “*He nucleus.
/ leen a neutron-to-proton ratio of n,/n, = 1/5, we can consider a representative”
group of 2 neutrons and 10 protons. The 2 neutrons can fuse with 2 of the protons
Na = 2 2 = 1_ “He = Umy 2 S l/\,tHc 4 oy - ) 7
{\{R‘f‘_-t_r’_-q 48N & Fwe ) —rds ‘&*! I ?”WM(
4 l"mcr he ‘iakecof completeness, note that the ratt,dol neutron—/ncutrcn tldsjon{ ais Idlgo neg,lllg,zbly small compared
to the rate of neutron—proton fusion. A “dineutron,” like a diproton, is unstable, and has an overwhelming

probability of decaying back to a pair of free neutrons rather than decaying through the weak nuclear force
to a deuteron.



174

Nucleosynthesis and the Early Universe

to form a smgle 4He nucleus. The remaining 8 protons, though, will remain

unfused. The mass fraction of “He will then be 7/ s et le, - 2
N/ N o s —— . W\ A J “..
( = Ve 4 1 I nge g s b
(_ Ymax = T = 5 - (921)
0.2 => 0.%33 123 N
6.14 =D 0. / 4$ More generally, i f =n, /np, twith 0 <f=1 thcn the ma)umuni posmble value ]
/‘.\\_ {r.'-.\ Of Y lg Ymax = 2f/(1 +f) Y}H/yl =3 ( -+ .',:,V; } "/ - L = & = — //1/;/4{}/ |
If the observed value of ¥, = — 0.24 were greater than the predlctecl Ynm,
L aond ~onkne | that would be a cause for worry; it might mean, for example, that we didn’t

G

/i

really understand the process of proton—neutron freezeout. However, the fact
that the observed value of ¥, is less than Yy, is not worrisome; various factors
act to reduce the actual value of i, below its theoretical maximum. First, if
nucleosynthesis didn’t take place immediately after freezeout at ¢ ~ 1s, then
the spontaneous decay of neutrons would inevitably lower the neutron-to-proton
ratio, and thus reduce the amount of “He produced. Next, if some neutrons escape
fusion altogether, or end in nuclei lighter than *He (such as D or SHe), they will
not contribute to Y. Finally, if nucleosynthesis goes on long enough to produce
nuclei heavier than “He, that too will reduce it

In order to compute Y), accurately, as well as the abundances of other isotopes,
it will be necessary to consider the process of nuclear fusion in more detail.
Fortunately, much of the statistical mechanics we will need is a rehash of what
we used when studying recombination.

9.3 Deuterium Synthesis

Let’s move on to the next stage of Big Bang nucleosynthesis, just after proton—
neutron freezeout is complete. The time is ¢ &~ 2. The neutron-to-proton ratio
is n,/n, = 0.2. The neutrinos, which ceased to interact with electrons about the
same time they stopped interacting with neutrons and protons, are now decoupled
from the rest of the universe. The photons, however, are still strongly coupled to
the protons and neutrons. Big Bang nucleosynthesis takes place through a series
of two-body reactions, building heavier nuclei step by step. The essential first step
in BBN is the fusion of a proton and a neutron to form a deuteron:

A " (..' L Vt— +§ pa ~ o= [-‘y o ——;-.7'
o QisoPod Fuswll: p+n<=D+y. £ FAST (9.22)

When a proton and a neutron fuse, the energy released (and carried away by a
gamma-ray photon) is the binding energy of a deuteron:

B = (my +m, —mp)® =222MeV. T (9.23)
)

Conversely, a photon with energy > Bp can photodlssomate a deuteron into its
component proton and neutron. The reaction shown in Equation 9.22 should have

|0



ahaunting familiarity if you’ve just read Chapter 8; it has the same structural form
as the reaction governing the recombination of hydrogen:

- ) \ € -~ . : * _
QY- H-eeorginrion fre<Hiy. (9.24)
- ( ) Chit
A compar ison of Equation 9.22 with Equation 9.24 shows that in each case, two

particles become bound togﬁﬁer to form a composite object, with the excess
energy carried away by a photon. In the case of nucleosynthesis, a proton and
neutron are bonded by the strong nuclear force to form a deuteron, with a gamma- )
ray photon being emitted. In the case of phiofoionizalion, a proton and electron V€ ey abon.
are bonded by the electromagnetic force to form a neutral hydrogen atom, with
an ultraviolet photon being emitted. A major difference between nucleosynthesis
and recombination, of course, is between the energy scales involved.’

Despite the difference in energy scales, many of the equations used to analyze
recombination can be re-used to analyze deuterium synthesis. Around the time of
recombination, for instance, photoionization was in chemical equilibrium with
radiative recombination (Equation 9.24). As a consequence, the relative numbers
of free protons, free electrons, and neutral hydrogen atoms are given by the Saha

equation, ; |
“ [ i 'k__{)ﬁ\ﬂ ﬁ’ ('}1,‘5;;\/ 7 1% f v

{"'f‘ ) -~ ZMaa =N . ny mekT —3/2 0 | — ) B, 298
i ‘)/ //‘ P j\ (Rt i — > ex =, | &5 . 9.2 | & 5+ ’
L) w€ .'f,’ 3 = — ;‘ I’lpi’le 23_: hZ p kT | l‘_ Ot 24 1 J ‘“(. 2 CCovia r‘ ) ..__'“r‘_.

which tells us that neutral hydrogen is favored in the limit k' — 0, and that
ionized hydrogen is favored in the limit kT — o0o. Around the time of deuterium
synthesis, neutron—proton fusion was in chemical equilibrium with photodissoci-
ation of deuterons (Equation 9.22). As a consequence, the relative numbers of free
protons, free neutrons, and deuterons are given by an equation directly analogous
to Equation 8.28:

/A 3/2 -3/2 - 2
.y np _ gp ( mp ) ( kT ) eXp([mp+ﬂ3:r mplc ) (9.26)

= Mplly  8p&n \ Miphiy \ 2 h* kT
F

From Equation 9.23, we can make the substitution [mp + my, — mD]c = Bp. The
statistical weight of the deuteron is 8p = 3, in comparison to 8p = 8n = 2 for
a proton or neutron. To acceptable accuracy, we may write mp = m, = mp/2.
These SLIbSt%[Uthl‘lS yield the nucleosynthetic equivalent of the Saha equation,

byl ) 7<) { T\ 32 B | Calia equafrim
P IANg ) \Z - 2 | =6 (-.’”f.’fk ) exp( D) | 9.27)
2 o } n,,nn

2 kT
= p('t{,{(,a(,,,l/ At Aouw af
which tells us that deuterium is favored in the limit k7 — 0, and that free proténs W y K
X 10

and neutrons are favored i in the 11m1t kT — oo.

-----

A
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> As the makers of bombs have long known, you can release much more energy by fusing atomic nuclei than
by simply shuffling electrons around.
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To define a precise temperature 7, at which the nucleosynthesis of deu-
terium takes place, we need to define what we mean by “the nucleosynthesis of
deuterium.” Just as recombination takes a finite length of time, so does nucleosyn-
thesis. It is useful, though, to define T, as the temperature at which np/n, = 1; .
that is, the temperature at which half the free neutrons have been fused into
deuterons. As long as Equation 9.27 holds true, the deuteron-to-neutron ratio can

be written as
E \nD k m, kT —3/2 BD
L — =6 : 9.28
i P " ( 7 h? ) *P <kT> / ( )

We can write the deuteron-to-neutron ratio as a function of 7 and the baryon-to-
photon ratio » if we make some simplifying assumptions. Even today, we know
that ~ 75% of all the baryons in the universe are in the form of unbound protons.
Before the start of deuterium synthesis, five out of six baryons (or ~ 83%) were
in the form of unbound protons. Thus, if we don’t Want to be fanatical about

accuracy, we can write (623] w082 K T e e
(022 = Akl
J kT 3
~ 0. 8nbary = 0. 87)ny £, 8n [ 0.2436 ; (9.29)
ey it e

-":44—4;,‘5 i].LJf

using Equation 8. 23 for the number density n, of blackbody photons. By sub-
stituting Equation 9.29 into Equation 9.28, we find that the deuteron-to-neutron
ratio is a relatively simple function of temperature:

|
o A KT \3/2 B
e : \ﬁ_.:_u f(‘_(‘-_ 10 et} %6.517( 2) ex p( D) (9.30)

| Ty m,c kT

This function is plottéd in Figure 9.3, assuming a baryon-to-photon ratio n =

- 6.1 X 1(_)f_10. The temperature Ty, of deuterium nucleosynthesis can be found by
solving the equation

anuc 32 ( BI) ) ?
1&6.5 ; 0.31
1 (mncz) xp ke ( )

With m,c* = 939.6 MeV, Bp = 2.22MeV, and n = 6.1 x 1071, the temperature g
of deuterium synthems is kTe ~ 0.066 MeV ~ Bp/34, corresponding to Tm.L A [’ 403 \ :
7.6 x 10® K. The temperature drops to this value when the age of the universe is g ,<,, f
e % 2008=FIRST THLEE MinwTeS )

Note that the time delay until the start of nucleosynthesis, 7, & 200 s, is not
negligible compared to the decay time of the neutron, 7, = 880s. By the time
nucleosynthesis actually gets underway, neutron decay has slightly decreased the
neutron-to-proton ratio from n,/n, = 1/5 to

L exp(—200/880) 0 80
ny S+ [1 —exp(— 200/880)] 5.20

~ ().15. (9.32)



10000

ET T 1
1000@"
100__?
10=

= =
= =
c

This in turn lowers the maximum posmble “He mass fraction from Yy ~ 0.33 =
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Figure 9.3 The deuteron-to-neutron ratio during the epoch of deuterium synthesis. The
nucleosynthetic equivalent of the Saha equation (Equation 9.27) is assumed to hold true.
Temperature decreases, and thus time increases, from left to right.

9.4 Beyond Deuterium

gt

The deuteron-to-neutron ratio np /n, does not remain indefinitely at the equilib-
rium value given by Equation 9.30. Once a significant amount of deuterium forms,
many possible nuclear reactions are available. For instance, a deuteron can fuse

with a proton to form *He:

D+p+\—_\ 3He+7/' /5 } ]ICI{-" '.\’-”'J-l/) (9'33)

Alternatively, it can fuse Wi_th a neutron to form 3H, also known as tritium:

D+n<H+y.

(Trivivn) ©39

Tritium is unstable; it spontaneously decays to *He, emitting an electron and
an electron antineutrino in the process. However, the decay time of tritium is
approximately 18 years; during the brief time that Big Bang nucleosynthesis lasts,

tritium can be regarded as

effectively stable.

Deuterons can also fuse with each other to form “He:

D+D <= ‘He+y.

[Li- HED \m) (9.35)
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However, it is more likely that the interaction of two deuterons will end in the
formation of a tritium nucleus (with the emission of a proton),

. . -
*_ff“’m”’ S D—I—D—‘3H_-|—p, | (9.36)

1

or the formation of a >He nucleus (with the emission of a neutron),
or z .T
— D+D <= “He -I— n. | (9.37)
A large amount of *H or *He is never present during the time of nucleosynthesis.
Soon after they are formed, they are converted to “He by reactions such as

\l H+p = ‘He+y
| : — 4 ’ ~
V Srreong | Hetn<THety |2 > pasT
— — ‘H+D = “He+n | =
1 *He +D <= *He + p* | 9.38)

None of the post—deuteriuﬁ reactions outlined in Equations 9.33 through 9.38
involve neutrinos; they all involve the strong nuclear force, and have large cross-
qecnom and fast reaction rates. Thus, once nucleosynthesis begins, D, *H, and
3He are all efficiently converted to *He.

Once 4He is reached, however, the orderly march of nucleosynthesis to
heavier and heavier nuclei reaches a roadblock. For such a light nucleus, 4He e 1S
exceptionally tlghtly bound, as illustrated in Figure 9.1. By contrast, there are no
stable nuclei with A = 5. If you try to fuse a proton or neutron to “He, it won’t
work; SHe and 5Li are not stable nuclei. Thus, “He is resistant to fusion with
protons and neutrons. Small amounts of °Li and "Li, the two stable isotopes of
lithium, are made by reactions such as

‘He+D = SLi+y ;/C SO um) (9.39)
w o 3p '
and L0 v

5. L.T'ynun}(gm)

‘He+ °H = T_ITi_ +y.
In addition, small amounts of "Be are made b)? reactions such as
He+ "He = "Be+y. | J- LERILLIVIT) 9 41

The synthesis of nuclei with A > 7 is hmdered by the absence of stable nuclei
with A = 8. For instance, if ®Be is made by the reaction

*He+ *He — *Be,—> 7« Het i (94

DECANS FAST AW INTO }",e,

then the 8Be nucleus falls back apart into a pair of “He nuclei Wlth a decay time

of only T = 107165,
The bottom line is that once deuterium begins to be formed, fusion up to
the tightly bound “He nucleus proceeds very rapidly. Fusion of heavier nuclei

AR e



occurs much less rapidly. The precise yields of the different isotopes involved 7“7
in BBN are customarily calculated using a fairly complex computer code. The
com'i)lemty is necessary because of the large number of possible reactions that can

occur once deuterium has been formed, all of which have temperature-dependent
cross-sections. Thus, there’s a good deal of bookkeeping involved. The results

of a typical BBN code, which follows the mass fraction of different isotopes . L
as the universe expands and cools, is shown in Figure 9.4. At ¢ < 10s, when & {«303- Z 5K
T > 3 x 10°K, almost all the baryonic matter is in the form of free protons \f ( i ,
and free neutrons. As the deuterium density climbs upward, however the point /\MW\' g
18 eventually reached where significant amounts of *H, *He, and *He are formed. Zio” )‘T S50
By t ~ 1000s, when the temperature has dropped to T ~3x 108K, Blg Bang J i;H

nucleosynthe31s is essentially over. Nearly all the baryons are in the form of free (111 e
[ i 2
protons or “He nuclei. The small residue of free neutrons decays into protons. o i

‘Small amounts of D, 3H, and *He are left over, a tribute to the incomplete nature

of Big Bang nucleosynthesis. (*°H later decays to *He.) Very small amounts of
®Li, 7Li, and "Be are made. ('Be is later converted to 'Li by electron capture:
Be + ¢~ — "Li + v,.)

The yields of D, *He, “He, °Li, and "Li depend on various physical parame-
ters. Most importantly, they depend on the baryon -to-photon ratio n. Figure 9.5
shows the abundance of various elements produced by Big Bang nucleosynthesis,
plotted as a function of 7. A high baryon-to-photon ratio increases the temperature
Toue at which deuterium synthesis occurs, and hence gives an earlier start to Big
Bang nucleosynthesis. Since BBN is a race against the clock as the density and
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Figure 9.4 Mass fraction of nuclei as a functlon of time during the epoch of nucleosyn-
thesis. Time increases, and thus temperature decreases, from left to right. [data courtesy
of Alain Coc]
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Figure 9.5 The mass fraction of “He, and the number 'densitics of D, 3He, and "Li
expressed as a fraction of the H number density. The width of each line represents the
lo confidence interval in the density. [Cyburt et al. 2016, Rev. Mod. Phys., 88, 015004]

temperature of the universe drop, getting an earlier start means that nucleosyn-
thesis is more efficient at producing “He, leaving less D and *He as leftovers.
The dependence of "Li on 1 is more complicated. Within the range of 7 plotted in
Figure 9.5, the direct production of 7Li by the fusion of “He and *H is a decreasing

function of 7, while the indirect production of "Li by "Be electron capture is an

increasing function of 7. The net result is a minimum in the predicted density of
TLiatn a3 x 10710,

To determine the value of n using the predictions of Big Bang nucleosyn-
thesis, it is necessary to make accurate observations of the primordial densities of
the light elements; that is, the densities before nucleosynthesis in stars started to
alter the chemical composition of the universe. In determining the value of n, it is
most useful to determine the primordial abundance of deuterium. This is because
the deuterium abundance is strongly dependent on 7 in the range of interest. Thus,
determining the deuterium abundance with only modest accuracy will enable us
to determine 7 fairly well. By contrast, the primordial helium fraction, Y,, has
only a weak dependence on 7 for the range of interest, as shown in Figure 9.5.
Thus, determining 1 with a fair degree of accuracy would require measuring Y,
with fanatic precision.

Deuterium abundances are customarily given as the ratio of the number of
deuterium atoms to the number of ordinary hydrogen atoms (D/H). In the local

interstellar gas, within ~ 50 pc of the Sun, the deuterium-to-hydrogen ratio is of



D/H ~ 1.6 x 1073, However, deuterium is very easily destroyed in stars. Since the
1nterstellar gas is contammaMuterlum -depleted gas that has been cycled
through stellar interiors, we expect the primordial deuterium-to-hydrogen ratio
was D/H > 1.6 x 107°. Currently, the best way to find the primordial value of
D/H s to look at the spectra of distant quasars. In the search for deuterium, we
don’t care what a quasar actually is, or how much deuterium is inside the quasar
 itself; instead, we just want to use the very luminous quasar as a flashlight to
illuminate the intergalactic gas clouds that lie between it and us. If an intergalactic
gas cloud contains no detectable stars, and has very low levels of elements heavier
than lithium, we can hope that its D/H value is close to the primordial value,
and hasn’t been driven downward by the effects of fusion within stars. Neutral
hydrogen atoms within these intergalactic clouds absorb photons whose energy
corresponds to the Lyman-g transition; that is, the transition of the atom’s electron
from the ground state (n = 1) to the next higher energy level (n.= 2). In an
ordinary hydrogen atom ('H), the Lyman-o transition corresponds to a wave-
H-L\/g( length Ay = 121.567 nm. In a deuterium atom, the greater mass of the nucleus
causes a small isotopic shift in the electron’s energy levels. As a consequence, the
Lyman-o “transition in deuterium corresponds to a slightly shorter wavelength Orouee 26 ‘E-‘if(c‘;
V-Lyx Ap = 121.534nm. When we look at light from a quasar that has passed through CUL G exmrav,
an 1ntergalactlc cloud at redshift z.;, we see a strong absorption line at Ay (1 +2zq1), Meed eo fn D"
due to absorption from ordinary hydrogen, and a much weaker absorption line at
AD(l + za1), due to absorption from deuterium. Detailed studies of the strength
of the absorption lines in the spectra of different quasars give the ratio (D/H) =
+ (2.5340.04) x 103, Using the results of BBN calculations such as those plotted i in ‘?

) - ‘-.‘_( < ]
/ Figure 9.5, this translates into a baryon-to-photon ratio 7 = (6.0 = 0.1) x 10~10£=> /L*J‘é XLQ
/ consistent with the value found from the temperature fluctuations of the cosmic
( microwave background (Equation 8.67).
) I.-T! T S7) é\ X\o
J 9.5 Baryon—Antlbaryon Asymmetry
The results of Big Bang nucleosynthesis tell us what the universe was like when
it was relatively hot (Thue ~ 7.6 ><w108 K) and dense:
Enue X Ty, ~ 1.6 x 10° MeVm™. (9.43)
This energy density corresponds to a mass density &pyc / c? = 2800 kg m~3, or
nearly three times the density of water. Remember, thotigh, that the energy density
at the time of BBN was almost entirely in the form of radlatlon The mass den51ty ¥)
of baryons at the time of BBN was I /// Py ; L2 -3 )?130\} {r

T 3 \J/
pbary(tnuc) == Qbary,Oloc,O ( Yr:uc) ~ 0.009 kg m_3- (944)
0
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A density of several grams per cubic meter is not outlandishly high, by everyday
standards; it’s equal to the density of the Earth’s stratosphere. A mean photon
energy of 2.7kTy, ~ 0.18 MeV is not outlandishly high, by everyday standards;
you are bombarded with photons of about a third that energy when you have your
teeth X-rayed at the dentist. The physics of Big Bang nucleosynthesis is well
understood.

Some of the initial conditions for Big Bang nucleosynthesis, however, are
rather puzzling. The baryon-to-photon ratio, n &~ 6 x 10719, is a remarkably small
_humber; the universe seems to have a strong preference for photons over baryons.
Tt’s also worthy of remark that the universe seems to have a strong preference for
baryons over antibaryons. The laws of physics demand the presence of antipro-
tons (p), containing two “anti-up” quarks and one “anti-down” quark apiece, as
well as antlneutrons (), containing one “anti-up” quark and two “anti-down”
quarks apiece.® In practice, though, we find that the universe has an extremely
large excess of protons and neutrons over antiprotons and antineutrons (and hence
an excess of quarks over antiquarks). At the time of Big Bang nucleosynthesis,
the number density of antibaryons (72 and p) was tiny compared to the number
density of baryons, which in turn was tiny compared to the number density of
photons. This imbalance, Mantibary <K Mbary <K 7, has its origin in the physics of
the very early universe.

When the temperature of the early universe was greater than k7 ~ 150 MeV,
the quarks it contained were not confined within baryons and other particles,
as they are today, but formed a sea of free quarks (sometimes referred to by
the oddly culinary name of “quark soup”). During the first few microseconds
of the universe, when the quark soup was piping hot, quarks and antiquarks
were constantly being created by pair production and destroyed by mutual
annihilation:

e

Yy+vy=gq+gq (9.45)

where q and g could represent, for instance, an “up” quark and an “anti-up”
quark, or a “down” quark and an “anti-down” quark. Durmg this period of quark
pair production, the numbers of “up” quarks, “anti-up” quarks, “down” quarks,
“anti-down” quarks, and photons were nearly equal to each other. However, sup-
pose there were a very tiny asymmetry between quarks and antiquarks, such
that

I il g ) (9.46)

hg + ng

As the universe expanded and the quark soup cooled, quark—antiquark pairs
would no longer be produced. The existing antiquarks would then annihilate with

6 Note that an “anti-up” quark is not the same as a “down” quark; nor is “anti-down” equivalent to “up.”



the quarks. However, because of the small excess of quarks over antiquarks, there
would be a residue of quarks with number density

L~ 5, 9.47)

Thus, if there were 800000003 qum_ks for every 800000000 antiquarks in -

the early universe, three lucky qudiks would be Teft over after the others
encountered antiquarks and were annihilated. The leftover quarks, however,
would be surrounded by 1.6 billion photons, the product of the annihilations.
After the three quarks were bound together into a baryon at kT ~ 150 MeV, the

resulting baryon-to-photon ratio would be 7 ~ 6 x 10~1°. JREEN V=

Thus, the very strong asymmetry between baryons and antibaryons today and
the large number of photons per baryon are both products of a tiny asymmetry
between quarks and antiquarks in the early universe. The exact origin of the
quark—antiquark asymmetry in the early universe is still not known The physicist
Andrei Sakharov, as far back as 1967, was the first to outline the necessary physi-
cal conditions for producing a small asymmetry; however, the precise mechanism
by which the quarks first developed their few-parts-per-billion advantage over
antiquarks still remains to be found.

Exercises

9.1 Suppose the neutron decay time were 7, = 88s instead of 7, = 880 S,
with all other physical parameters unchanged. Estimate ¥y, the maximum
possible mass fraction in 4He assuming that all available neutrons are incor-
porated into “He nuclei.

9.2 Suppose the difference in rest energy of the neutron and proton were Q, =
(m, — mp)c2 = 0.129MeV instead of Q, = 1.29MeV, with all other
physical parameters unchanged. Estimate Yy, the maximum possible mass
fraction in “He, assuming that all available neutrons are incorporated into
“He nuclei.

9.3 The total luminosity of the stars in our galaxy is L =~ 3 x 1010 Lg. Suppose
that the luminosity of our galaxy has been constant for the past 10 Gyr. How
much energy has our galaxy emitted in the form of starlight during that
time? Most stars are powered by the fusion of H into *He, with the release of
28.4 MeV for every helium nucleus formed. How many helium nuclei have
been created within stars in our galaxy over the course of the past 10 Gyr,
assuming that the fusion of H into “He is the only significant energy source?
If the baryonic mass of our galaxy is M ~ 10'! Mg, by what amount has
the helium fraction ¥ of our galaxy been increased over its primordial value

= 0.24?
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